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ABSTRACT

In dense stellar environments such as globular clusters and active galactic nucleus (AGN) disks,

stellar-mass black holes (sBHs) may frequently collide with massive stars. We investigate this pro-

cess using semi-analytic models, three-dimensional hydrodynamical simulations, and one-dimensional

stellar evolution calculations, focusing on collisions between sBHs and a 100M⊙ main-sequence star.

We find that gas drag retains the BH within the stellar envelope unless the impact velocity exceeds

∼ 2
√
G(M⋆ +M•)/R⋆. The post-collision outcome depends primarily on the BH-to-star mass ratio.

For M• ≳ 30M⊙, the retained envelope is either quasi-spherical or disc-like, but remains dynamically

unstable because of shock heating. In contrast, for M• ≲ 10M⊙, the collision forms a “black hole star”

(BH*): a quasi-hydrostatic, extended stellar envelope surrounding the embedded BH. These results

agree with our analytic prediction that BH* formation necessarily requires M• ≲ 0.2M⋆. Follow-up

MESA calculations further show that, for these low-mass BHs, the shock-heated remnant thermally

relaxes without triggering runaway expansion. We discuss several astrophysical implications of BH*s,

including their evolution, the possibility of gravitational-wave events from BH binaries assembled

within a stellar envelope, and repeated star–sBH collisions as a pathway for rapid BH growth in dense

stellar systems. This mechanism may contribute to the formation of massive BHs in high-redshift

nuclear star clusters and may be relevant to the origin of the “little red dots” discovered by JWST.

Keywords: Stellar mass black holes (1611), Stellar evolution (1599), Young star clusters (1833), Active

galactic nuclei (16), Gravitational wave sources (677)

1. INTRODUCTION

The recent discovery by JWST of a population of com-

pact, red sources at high redshift (z ≳ 4), dubbed “lit-

tle red dots” (LRDs, e.g., Matthee et al. 2024; Kokorev

et al. 2024; Kocevski et al. 2025), has raised fundamen-

tal questions about the evolution of black holes (BHs) in

the early Universe. Apart from their compact morphol-

ogy, LRDs exhibit unique spectral features, like a blue

rest-frame UV continuum declining with frequency, a

red optical slope with a prominent Balmer break, and

broad hydrogen emission lines indicative of gas velocities

∼ 1000 km s−1. Among many possible scenarios of LRDs
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(Inayoshi & Ho 2025), one compelling resolution is the

“black hole star” (or “quasi-star,” we abbreviate it as

“BH*” thereafter) interpretation (e.g., de Graaff et al.

2025a; Begelman & Dexter 2026; Inayoshi et al. 2026;

Sun et al. 2026; Naidu et al. 2026): an intermediate-

mass/supermassive black hole (IMBH/SMBH) embed-

ded in a massive gaseous envelope simultaneously pro-

duces some of the key features: e.g., the gaseous en-

velope sets Teff ∼ 5000K blackbody radiation and re-

produces the observed red continuum (e.g., Begelman

& Dexter 2026; Inayoshi et al. 2026; de Graaff et al.

2025a); the extended stellar atmosphere gives rise to

the Balmer break through hydrogen bound-free absorp-

tion (Inayoshi & Maiolino 2025; Naidu et al. 2025; de

Graaff et al. 2025b; Sun et al. 2026); the virial motion

and electron scattering outside the envelope explain the
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broad emission lines (Inayoshi et al. 2026; Kokorev et al.

2026).

BH*s are not merely an ad hoc solution to the LRD

puzzle, since the theoretical possibility of compact ob-

jects embedded in stellar envelopes has a long his-

tory. The concept was pioneered by Thorne & Zytkow

(1977), who showed that a neutron star engulfed by

a giant stellar envelope can reach a quasi-hydrostatic

equilibrium, forming a Thorne–Żytkow object (TŻO;

Thorne & Zytkow 1977; Hirai & Podsiadlowski 2022).

TŻOs produce distinctive nucleosynthetic signatures

that have been tentatively identified in observations

(e.g., Levesque et al. 2014). BH*s are the natural higher-

mass analogue: rather than a neutron star, a BH sits at

the center of the envelope, with its accretion luminosity

providing additional pressure support in place of nuclear

shell burning (e.g., Begelman et al. 2008; Volonteri &

Begelman 2010; Ball et al. 2011; Coughlin & Begelman

2024; Hassan et al. 2026).

A natural formation channel for BH*s is the direct col-

lision between a stellar-mass BH (sBH) and a massive

star (e.g., Rantala 2026). Such collisions are expected to

be frequent in two broad classes of dense stellar environ-

ment: nuclear star clusters and globular clusters, where

high stellar densities and velocity dispersions drive re-

peated dynamical encounters (Binney & Tremaine 2008;

Rantala 2026), and AGN disks, where the gas-rich envi-

ronment traps stars and compact objects in a common

plane and further enhances collision rates (e.g., Tagawa

et al. 2020; Yang et al. 2022; Chen & Lin 2024). De-

pending on the BH mass, impact parameter, and rel-

ative velocity, a star–sBH collision can result in one

of several outcomes (refer discussions in Rantala 2026).

(1) When both objects closely interact but not yet geo-

metrically collide, the star may undergo a “micro tidal

disruption event” (micro-TDE; e.g., Perets et al. 2016;

Kremer et al. 2019; Ryu et al. 2022; Vynatheya et al.

2024; Xin et al. 2024; Kıroğlu et al. 2025; Rastello et al.

2026) in the most violent limit. (2) When the BH and

the star geometrically collide, a more violent disruption

of the star may happen (e.g., Kremer et al. 2022; Hi-

rai & Podsiadlowski 2022; Tsuna & Lu 2025); repeated

star–sBH collisions may boost the formation of IMBHs

(Rose et al. 2022). (3) On the other hand, in less en-

ergetic collisions (the released energy is insufficient to

disrupt the star), gas drag may decelerate the BH suffi-

ciently for it to be retained within the stellar envelope,

forming a BH*—which we focus on in this paper.

The gas drag that governs BH retention is physically

related to the drag force studied extensively in the con-

text of common-envelope (CE) evolution (e.g., Ivanova

et al. 2013), in which a BH companion spirals inward

through the envelope of a giant star. In CE studies, the

drag is typically modeled in the Bondi–Hoyle–Lyttleton

(BHL; Hoyle & Lyttleton 1939; Bondi 1952; Edgar 2004)

framework or via the energy formalism, which sets the

inspiral timescale and envelope ejection (e.g., Ricker

& Taam 2012; MacLeod & Ramirez-Ruiz 2015a; Cruz-

Osorio & Rezzolla 2020). The star–sBH collision prob-

lem shares this drag physics but operates in a quali-

tatively different regime, since the BH enters the star

impulsively at high velocity, depositing energy through

a strong shock on dynamical timescales.

Prior simulation works have studied star–sBH colli-

sions primarily in the tidal disruption and electromag-

netic transient regime (e.g., Kremer et al. 2022; Vy-

natheya et al. 2024; Xin et al. 2024), while the condi-

tions for BH retention and the resulting post-collision

structure have not been systematically explored. In

this paper, we address these questions through a com-

bined semi-analytic and hydrodynamical study of col-

lisions between sBHs of mass 5–100M⊙ and a 100M⊙
main-sequence star, a representative mass for massive

stars in both AGN disks and nuclear star clusters, where

runaway stellar mergers preferentially build up the most

massive objects (e.g., Portegies Zwart & McMillan 2002;

Kremer et al. 2020; Shi et al. 2021; Rantala et al. 2024).

Our semi-analytic approach integrates the BH equation

of motion under BHL drag, enabling an efficient sur-

vey of the full parameter space of BH mass, impact pa-

rameter, and initial velocity. We complement this with

three-dimensional hydrodynamical simulations using the

GIZMO code (Hopkins 2015), which resolve the BH dy-

namics, shock structure, and envelope morphology for a

representative subset of cases.

The remainder of this paper is organized as follows.

Section 2 presents the semi-analytic model and stellar

evolution calculations, focusing on the orbital dynamics

and energy budget of the collision. Section 3 describes

the hydrodynamical simulations. Section 4 discusses the

astrophysical implications of such star–sBH collisions.

Section 5 summarizes our findings and future directions.

2. ANALYTICAL EXPECTATIONS

2.1. The gas dynamical friction

As an sBH moves through the gas envelope of a mas-

sive star, it gravitationally focuses the gas flow into an

overdense wake behind it. The weak exerts a gravita-

tional drag on the moving sBH, known as dynamical

friction (Chandrasekhar 1943; Ostriker 1999). In the

highly supersonic regime, where gas pressure is neg-

ligible, Hoyle & Lyttleton (1939) estimated the cross

section of this gravitational focusing with the Hoyle–

Lyttleton (HL) radius RHL = 2GM•/v
2, where M• is
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Figure 1. Position (top panels), velocity (middle panels) and energy (bottom panels) evolution for head-on (b = 0) star–sBH
collisions. Blue, orange, and green lines correspond to v∞/v0 = 0, 1, and 2, respectively. Dotted lines indicate semi-analytic
simulations where the sBH escapes the star. The gray dashed line in the bottom panel marks the minimum potential at the
stellar center Φ(r = 0).

the sBH mass and v its speed relative to the gas, yield-

ing a drag force FHL ∼ πR2
HLρv

2 = 4πG2M2
•ρ/v

2, with

ρ the gas density at the sBH location. While this es-

timate diverges as v → 0, at mild Mach numbers, the

work of Bondi (1952) leads to the interpolation formula

Fdrag ∼ 4πG2M2
•ρ v

(c2s + v2)3/2
, (1)

where cs is the gas sound speed, recovering FHL when

v ≫ cs (Edgar 2004). This estimate of the drag forces

sets the baseline for a series of succeeding works of lin-

ear perturbation analysis (Ostriker 1999) and numeri-

cal simulations (e.g., Lescaudron et al. 2023; Suzuguchi

et al. 2024), as also reviewed by Röpke & De Marco

(2023).
The drag force dissipates the sBH’s orbital energy at

a rate Ėdrag ∼ Fdragv, also referred to as the dynamical

friction luminosity, so the sBH kinetic energy is damped

on a timescale of

τdamp ∼ M•v
2/2

Ėdrag

=
(c2s + v2)3/2

8πG2ρM•
. (2)

For typical conditions inside a massive star, e.g., ρ =

0.2 g cm−3 and cs = 500 km s−1, an sBH with M• =

5M⊙ moving transonically (v ≈ cs) is stopped within

τdamp ≈ 0.5 h, comparable to or shorter than the stellar

dynamical time. Such efficient dissipation implies that

gas dynamical friction alone may fully damp the orbital

energy of an sBH colliding with a massive star, retaining

it inside the star. In the following part, we explicitly

calculate the orbits of the sBH colliding with a massive

star to further quantify this process.

2.2. Semi-analytic orbital integration

2.2.1. Model setups and initial condition

We consider the simplified limit M• ≪ M⋆, in which

the massive star can be treated as a fixed background gas

cloud when integrating the orbital trajectory of the sBH.

This semi-analytic approach is similar to that utilized

in CE studies (e.g., MacLeod & Ramirez-Ruiz 2015a,b).

The sBH then evolves under the gravity of the back-

ground star and the gaseous drag force,

r̈ = −GM⋆(< r)

r3
r +

Fdrag

M•
, (3)

where r is the sBH position relative to the stellar center

and M⋆(< r) is the enclosed stellar mass within radius

r. Following Ostriker (1999), the drag force is

Fdrag = −4πG2M2
•ρ

v3
I(M)v, (4)

where v is the sBH velocity, and the prefactor I(M)

encodes the dependence on the Mach numberM ≡ v/cs.

Since the original I(M) of Ostriker (1999) is singular at

M = 1, we adopt the regularized form of Generozov &

Perets (2023),

I(M) =


ln Λ, M ≥ 1;

min

[
ln Λ,

1

2
ln

(
1 +M
1−M

)
−M

]
, M < 1,

(5)

where the Coulomb logarithm is set to lnΛ = 1.4 ∼
ln(R⋆/RHL), the ratio of the largest to the smallest ra-

dial scales contributing to the drag.
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We integrate Equation (3) for the sBH orbit using the

REBOUNDx package (Tamayo et al. 2020), an extension

of the REBOUND code (Rein & Liu 2012), with the 15th-

order IAS15 integrator (Rein & Spiegel 2015). The inte-

gration terminates when either (1) the distance between

the sBH and the stellar center falls below 10−3 R⊙, in-

dicating that the sBH has settled at the stellar center,

or (2) the integration time reaches 103 hours. We mark

the time when the simulation terminates as the “stop-

ping time” tstop.

We model the massive star as an n = 2.75 polytrope

(close to n = 3 yet stable), corresponding to γ = 1 +

1/n = 15/11 ≈ 4/3 and an equation of state (EOS)

p = (4/11)ρe ≈ (1/3)ρe, where e is the specific internal

energy. The star has M⋆ = 100M⊙ and R⋆ ≈ 16R⊙
(from the main-sequence relation R⋆ = (M⋆/M⊙)

0.6 R⊙;

Tout et al. 1996).

The sBH has M• ∈ [5, 30]M⊙, and is placed at an

initial separation r0 = 2R⋆ from the stellar center. For

an impact velocity at infinity v∞, the relative velocity

at r0 is v = [2G(M⋆ +M•)/r0 + v2∞]1/2 = (v20 + v2∞)1/2,

where v20 ≡ G(M⋆ +M•)/R⋆. The velocity direction is

set by the impact parameter b ≡ |v̂ × r0|, with b = 0

corresponding to a head-on collision. The specific orbital

angular momentum is then l = b (v20 + v2∞)1/2 = b∞v∞,

where b∞ is the impact parameter at infinity. Since

b∞ → ∞ for parabolic orbits (v∞ = 0), we parameterize

the initial conditions with b rather than b∞.

2.2.2. Critical sBH mass to form a BH*

Figure 1 shows the orbital evolution of sBHs with

M• = 5, 10, 30 M⊙ in head-on collisions (b = 0) with

v∞/v0 = 0, 1, 2. From top to bottom, the panels show

the position r, the total velocity v, and the total energy

E = M•(v
2/2+Φ(r)) of the sBH, where Φ(r) is the grav-

itational potential energy due to the background star,

Φ(r) =

−GM⋆/r, r ≥ R⋆;

−GM⋆(< r)/r −G
∫ R⋆

r
4πr′ρ(r′)dr′, r < R⋆.

(6)

All sBHs that are eventually retained inside the star are

stopped within dozens of hours, i.e., a few stellar dy-

namical times, consistent with the order-of-magnitude

estimate in Section 2.1. Most of the energy dissipation

occurs near the stellar core, where the higher gas den-

sity strengthens the dynamical friction. More massive

sBHs are damped faster, as expected from Equation (2):

for v∞/v0 = 0, the stopping time decreases from ∼ 37 h

at M• = 5M⊙ to ∼ 9 h at M• = 30M⊙. They also

deposit more energy: for M• = 30M⊙, the dissipated

energy becomes comparable to the stellar binding energy

(∼ GM2
⋆/R⋆), implying significant envelope expansion

and possibly substantial mass loss.

Consequently, there exists a critical sBH mass above

which the dissipative heating injects enough energy to

disrupt the host star, setting a natural upper limit for an

sBH to be retained and form a BH*. Our semi-analytic

simulations yield a first-order scaling between this criti-

cal mass and the stellar mass. As illustrated by the gray

dashed lines in the bottom panels of Figure 1, the final

energy of an sBH settling at the stellar center equals

its local potential energy, Φ(r = 0) = −3.80GM⋆/R⋆,

with the numerical coefficient set by the polytropic in-

dex n = 2.75. For mild velocities at infinity, the en-

ergy dissipated into the stellar envelope is Edrag =

M•(v
2
∞/2 − Φ(r = 0)) ≈ −M•Φ(r = 0). The binding

energy of a polytropic star is Ebind = −α(n)GM2
⋆/R⋆

(Chandrasekhar 1957), where α(n) = 3/[2(5−n)] ≈ 0.67

for n = 2.75. Equating |Edrag| with |Ebind| yields a

maximum sBH mass that scales linearly with the stellar

mass,

M•,max ≈ 0.67GM2
⋆/R⋆

3.80GM⋆/R⋆
≈ 0.2M⋆. (7)

This condition holds for massive star that can be ap-

proximated with n ≲ 3. For M⋆ = 100M⊙, the critical

sBH mass is M•,max ≈ 20M⊙, so more massive sBHs

(e.g., 30M⊙) may drive significant envelope ejection.

2.2.3. Critical collisional parameters to retain the BH

Another important question is with what collisional

parameters (b, v∞) can the sBH be retained at the cen-

ter of the star after a collision. In our example head-

on (b = 0) collisions in Figure 1, there is an emerg-

ing trend more massive sBHs can be easier to be re-

tained despite at a higher velocity (v∞). To quanta-

tively study this problem, we first fix the impact pa-

rameter to b = 0, and perform a parameter survey over

the sBH mass (M•) and velocity at infinity (v∞) to de-

termine the retention boundary. The results are pre-

sented in the left panel of Figure 2, where gray dots

mark the M•–v∞ parameter space leading to an escape,

while the colored mesh indicates the stopping time for

retained sBHs. The retention boundary, marked by the

red dashed line, generally increases with sBH mass and

can be well-fitted by a quadratic polynomial (v∞/v0 =

−0.000949(M•/M⊙)
2 + 0.0772(M•/M⊙) + 0.594). For

sBHs with M• ≲ 30M⊙, the maximum velocity at infin-

ity is constrained to v∞ ≲ 2v0 = 2
√

G(M⋆ +Mbh)/R⋆.

Inside the retention boundary, sBHs will be damped to

the star’s center in ∼ 10–100 h.

We note that while massive sBHs can be efficiently

retained in the star, the collision may not form a BH*
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if the sBH mass is above the threshold (∼ 0.2M⋆, cf.

Equation 7).

Whether the sBH can be captured also depends criti-

cally on the impact parameter b. Taking a representative

sBH with M• = 10M⊙, we conduct a grid search over b

and v∞ to map the retention threshold. The results are

displayed in the right panel of Figure 2, where the red

dashed line represents the retention boundary, which is

well-fitted with v∞/v0 = −0.352(b/R⋆)
2−0.572(b/R⋆)+

1.35, and the solid red line marks the geometric collision

boundary. At low v∞, the critical impact parameter

for retention is comparable to the geometric collision
threshold. However, as v∞ increases, the critical re-

tention impact parameter deviates rapidly. Ultimately,

when v∞ ∼ 1.4 v0, only head-on (b = 0) collisions can

marginally retained the sBH inside the star. However,

for most sBHs retained in the star, the stopping time is

still ∼ 10–100 h.

2.3. Dissipative heating of the star

While the semi-analytic model in Section 2.2.2 and

Section 2.2.3 follows the orbital evolution of the sBH,

it does not include the response of the background star

to the dissipated orbital energy, which simultaneously

heats the stellar interior. This energy injection may

cause envelope expansion and mass loss, and addition-

ally, it may raise the temperature of the nuclear-burning

zone and boost the burning rate, potentially trigger-

ing a thermal runaway if the star cannot adjust quickly

enough. To address this concern, we use MESA to calcu-

late the one-dimensional stellar response to the dissipa-

tive heating of the star by the damping of the sBH orbit

(Paxton et al. 2011, 2013, 2015, 2018, 2019; Jermyn et al.

2023). Our setup builds on previous massive AGN-star

calculations with MESA (Cantiello et al. 2021; Ali-Dib &

Lin 2023; Xu 2025; Xu et al. 2026).

We begin with a non-rotating main–sequence stellar

model with M⋆ = 100M⊙ and R⋆ ≈ 16R⊙. The or-

bital energy dissipated by the sBH is added through the

other energy hook as an external specific heating term.

The total additional energy is given as

Einj = f
GM2

⋆

R⋆
. (8)

The time dependence of the additional heating is taken

from the calculation in Section 2.2 as well in Figure 1,

which records the sBH’s position r(t) and the corre-

sponding dissipated Einj(t). We assume the dynamical-

friction luminosity is proportional to the energy dissipa-

tion and linearly interpolate the curve. We damp the en-

ergy to stellar mesh cells between qmin and qmax where q

is the normalized radial distance. At each timestep, the

interpolated luminosity is converted to a specific heating

rate and is applied to the injected stellar cells between

qmin and qmax. With this additional source term, MESA

continues its calculations of stellar structure and evolu-

tion.
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The evolution followed here is much shorter than

the characteristic growth time of the Eddington–limited

sBH, so its mass changes negligibly. Moreover, the

dynamical friction luminosity is much larger than the

Eddington-limited accretion luminosity of the sBH,

making accretion feedback energetically subdominant
during the inspiral. We evolve the model to 50 tdyn after

the onset of heating.

Figure 3 shows the fiducial stellar response. For the

fiducial calculation, we use the luminosity history of a

10M⊙ sBH with b = 0 and v∞ = 0. The total injected

energy is 0.1GM2
⋆/R⋆ = 6.79 × 1049 erg. The heating

lasts 5.39× 104 s = 14.97 h = 5.6 tdyn.

The radius increases from 15.47R⊙ to 17.95R⊙ during

the heating phase and reaches 19.18R⊙ by the end of the

calculation. The expansion is accompanied by decreases

of approximately 15% in Tc and 35% in ρc. The nu-

clear luminosity falls from 1.30×106 L⊙ to 1.37×104 L⊙
by the end of heating. The model therefore expands

and cools without developing a nuclear runaway over

the computed interval.

The star’s expansion is accompanied by decreases of

approximately 15% in Tc and 35% in ρc, consistent

with the scalings Tc ∝ R−1
⋆ and ρc ∝ R−3

⋆ . The nu-

clear luminosity decreases more strongly because of the

steep temperature dependence of CNO burning near

Tc ≃ 2 × 107 K (Paxton et al. 2013, 2015). Thus, the

model expands and cools rather than developing a nu-

clear runaway over the computed interval.

We also vary the injected-energy fraction, expressed

relative to the stellar gravitational-energy scale in Equa-

tion 8, and the damping time while keeping M⋆ =

100M⊙ and 0 ≤ q ≤ 0.8 fixed. The completed mod-

els cover f = 0.03, 0.1, 0.3 or 0.5GM2
⋆/R⋆. The cal-

culations with f = 0.5 terminate before the end of the

heating phase because of excessive expansion.

These one-dimensional models isolate the thermal re-

sponse to orbital energy dissipation. The wake, shocks,

angular-momentum deposition, and dynamical mass loss

are followed in the hydrodynamical simulations in Sec-

tion 3.

3. HYDRODYNAMICAL SIMULATIONS

The results in Section 2.3 indicate that energy dissipa-

tion during the sBH’s orbital decay can lead to changes

in the massive main-sequence star’s interior. However,
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Table 1. Parameter space of the hydrodynamical
simulations, including the sBH mass (M•), impact
parameter (b, defined in Section 2.2.1, which is not
the impact parameter at infinity), and relative veloc-
ity at infinity (v∞) with the velocity direction set by
the impact parameter. Here v20 ≡ G(M⋆ +M•)/R⋆.
The non-spinning stars are fixed with M⋆ = 100M⊙
for all simulations, and are modeled with n = 2.75
polytopes by default.

M• [M⊙] b [R⋆ ≈ 16R⊙] v∞/v0 (v∞ [km s−1])

5 0, 0.5 0, 1 (1124), 2 (2248)

10 0, 0.5 0, 1 (1151), 2 (2302)

30 0, 0.5 0, 1 (1251), 2 (2502)

100 0, 0.5 0, 1 (1552), 2 (3104)

this 1-D MESA model does not fully capture the rapid

3-D dynamical response of the stellar envelope. In this

section, we perform a suite of hydrodynamical simula-

tions of star–sBH collisions, using the Lagrangian code

GIZMO (Hopkins 2015). The simulations solve the stan-

dard hydrodynamical equations1 with the code’s Mesh-

less Finite-Mass (MFM) mode, and self-gravity is solved

with tree-gravity (Hopkins et al. 2023).

Each initial condition for the simulations includes a

massive star and a companion BH (cf. Section 2.2.1).

The star is fixed as an n = 2.752, 100M⊙ polytrope

with 1283 equal-mass gas cells (∆m ∼ 5 × 10−5 M⊙),

which is generated following Ohlmann et al. (2017) and

Shi et al. (2026).

3.1. Simulation setups

The simulation setups are summarized in Table 1. In

each pair of (M⋆,M•), we set different collisional pa-

rameters, via b/R⋆ = 0, 0.5, and v∞/v0 = 0, 1, 2. This

covers cases like head-on vs.“grazing” collisions, and

parabolic vs. hyperbolic orbits. Each simulation runs

for 50 τdyn,⋆ ≈ 140 h (where τdyn,⋆ = [R3
⋆/(GM⋆)]

1/2).

We label each simulation with Mbh%g_b%g_v%g, rep-

resenting the BH mass (M•/M⊙), impact parameter

(b/R⋆), and initial relative velocity at infinity (v∞/v0).

For gravity, we use fixed, small (hgas = 10−4 R⊙) soft-

ening radii for the gas cells, and a larger softening radius

(hBH = 0.5R⊙) for the sBH, which is compatible with

1 Specifically: (1) ∂tρ+∇·(ρv) = 0; (2) ∂t(ρv)+∇·(ρvv+pI) = ρg;
(3) ∂t

(
ρe+ ρv2/2

)
+ ∇ ·

[(
ρe+ ρv2/2 + p

)
v
]
= ρg · v; (4) p =

(γ − 1)ρe.
2 We also test n = 2 and find qualitatively similar results.

the spatial resolution. This avoids the noisy, unphysi-

cal numerical heating of the gas when the BH softening

radius is too small, an issue that appeared in many of

our background tests. Moreover, the Bondi radius of a

5M⊙ sBH embedded in a cs ≈ 1, 000 km s−1 is RBondi =

GM•/c
2
s ∼ R⊙; given our mean spatial resolution of

∆r ∼ 2R⋆/128 ∼ 0.2R⊙, hgas ≪ ∆r < hBH ≲ RBondi,

suggesting that the Bondi radius is resolved.

Our simulations solve only the coupled hydrodynam-

ics and gravity of the star–BH collision. We neglect

BH accretion, feedback, and radiation transfer, since our

simulation timescale is short (∼ 140 h): for Eddington-

limited BH accretion, the relevant timescale is the

Salpeter time τSal = 0.1σesc/(4πGmp) ≈ 45Myr; the

thermal (Kelvin-Helmholtz) timescale for an 100M⊙
star is τKH ∼ GM2

⋆/(2R⋆L⋆) ∼ 104 yr (assuming near-

Eddington luminosity). Both the accretion and ther-

mal timescales are substantially longer than our simu-

lation timescale (i.e., τdyn,⋆ ≪ τKH ≪ τSal). Addition-

ally, Murguia-Berthier et al. (2017) found that accretion

disks can hardly form in common envelopes, especially

in high-density, low-compressibility regions; strong feed-

back is therefore uncommon, suggesting feedback can

also be unimportant.

3.2. Outcomes of the collisions

3.2.1. Morphology

Figure 4 visualizes a subset of the star–sBH collisional

simulations, where M• = 10M⊙, with varying impact

parameters and velocities. Each sub-figure displays the

density (upper panel) and passive scalar (lower panel)

distributions at the stellar mid-plane. The passive scalar

is a post-processed quantity assigned to each gas cell to

track mixing during the collision; specifically, its value

at t = 0 is defined as p = (R⋆ − r)/R⋆, where r is the

distance from the stellar center and R⋆ is the stellar

radius. While the p-value of each gas cell is advected

without change, the overall passive scalar distribution

evolves as a result of mixing.

Figure 4a shows the head-on collision (b = 0, v∞ = 0)

at characteristic times t = 3.7 h, the BH enters the star

with a relative velocity of 2745 km s−1, driving a shock

wake. Gas drag then decelerates the BH and reverses its

direction of motion; by t = 9.3 h, the BH is moving in

the direction opposite to its initial trajectory. Finally,

at the end of the simulation (t = 140 h), the BH is fully

decelerated and co-moves with the stellar envelope. The

passive scalar distribution traces the accompanying per-

turbation of the stellar interior.

Figure 4b shows a grazing collision (b = 0.5R⋆, v∞ =

0). The non-zero angular momentum causes the BH to

orbit the center of the gravitational potential (see green
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(a) BH mass 10M⊙. Head-on (b = 0) collision with v∞ = 0. Panels
in the right column are centered at the sBH’s location.

(b) BH mass 10M⊙. Grazing (b = 0.5R⋆) collision with v∞ = 0.
Panels in the right column are centered at the sBH’s location.

(c) BH mass 10M⊙. Head-on (b = 0) collision with

v∞ = 2
√

G(M⋆ +M•)/R⋆. Panels in the right two columns are
centered at the star.

(d) BH mass 10M⊙. Grazing (b = 0.5R⋆) collision with

v∞ = 2
√

G(M⋆ +M•)/R⋆. Panels in the right two columns are
centered at the star.

(e) BH mass 100M⊙. Head-on (b = 0) collision with v∞ = 0. Panels
in the right column are centered at the sBH’s location.

(f) BH mass 100M⊙. Grazing (b = 0.5R⋆) collision with v∞ = 0.
Panels in the right two columns are centered at the sBH’s location.

Figure 4. Visualization of a subset of our simulations. In each sub-figure, we show the distribution of density (top panels)
and passive scalar (bottom panels) at the mid-plane (z = 0), and the sBH’s location (green circle), for snapshots at different
evolutionary stages (as labeled in each panel). We default to the lab frame unless otherwise mentioned. We also label the
velocity of the sBH in the lab frame. For grazing collisions (b ̸= 0), we plot the trajectory of the sBH (green dashed).
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dashed lines for its trajectory). As in the head-on case,

the BH velocity is reversed by t = 12h, and the BH is

fully damped by the end of the simulation.

When the initial velocity is sufficiently high, how-

ever, the BH can penetrate and escape the star, with

a post-encounter speed exceeding the local escape ve-

locity. Figure 4c and 4d illustrate this regime: for both

head-on and grazing geometries, the BH escapes when

v∞ = 2v0 ≈ 2302 km s−1. The stellar interior is strongly

mixed along the shock wake, yet the star remains grav-

itationally bound and undergoes sustained radial oscil-

lations in response to the passing BH’s perturbation.

Figures 4e and 4f present the same suite of collisions

for a 100M⊙ BH, equal to the stellar mass. Compared

with the 10M⊙ case, the more massive BH experiences a

stronger drag force (cf. Equation 1, where Fdrag ∝ M2
• )

and exerts a deeper gravitational potential well, attract-

ing more ambient gas. The BH is not represented by a

sink-cell, i.e. we do not take into account of its accretion

and the associated radiative feedback. As an approx-

imation, we modify BH’s gravitational potential with

an arbitrarily-specified softening length equals 0.5R⊙
such that BH’s gravity would be suppressed in its close

proximity. In the head-on cases, the BH accumulates

a gas envelope even during the high-velocity collision

at v∞ = 2v0 ≈ 3104 km s−1. However, this envelope is

dynamically disrupted following the violent shock inter-

action, and in both cases it is stripped by the end of the

simulation.

The grazing geometry produces qualitatively different

behavior. At v∞ = 0 and b = 0.5R⋆ (Figure 4f), the

angular momentum of the encounter causes the star to

deform and spiral around the 100M⊙ BH, ultimately

forming a rotationally supported, disc-like envelope by

t = 19h. The buildup of high temperature and pressure

gradient in the disc around the BH’s softened potential

marginally suppresses gravitational instability and the

excitation of global spiral structure. Although the disc

loses mass continuously and is susceptible to marginal

dynamical instabilities, it survives until the end of the

simulation. At high collisional velocity (v∞ = 2v0 ≈
3104 km s−1; not shown here), the BH escapes before a

disc can form, and the star is heavily disrupted.

3.2.2. BH retention in the star

Figure 5 quantifies whether the BH is efficiently

damped by gas drag and retained within the star, us-

ing the relative velocity between the BH and the stellar

center of mass throughout the evolution, |v• − ⟨vgas⟩|,
where ⟨vgas⟩ is the mass-weighted center-of-mass veloc-

ity of all gas cells (note that our simulations employ

equal-mass cells). The relative velocity at t = 0 corre-

sponds to the initial separation of 2R⋆ and is distinct

from v∞.

For most simulations, the relative velocity is damped

to ∼ 0 km s−1 within ∼ 100 h; for the remainder it is

not. This is broadly consistent with semi-analytic simu-

lations (Figures 1, 2). Yet hydrodynamical simulations

find more outcomes in terms of the gas morphology,

which we classify into three cases.

1. The BH is retained in a spherical, dense envelope.

The BH velocity is efficiently damped, and the

BH settles at the stellar center surrounded by a

dense (∼ 1 g cm−3) envelope (cf. Figures 4a and

4b). As shown in Figure 5, this outcome is typ-

ical for low-velocity (v∞/v0 ≲ 1) collisions with

low-mass (M• ≲ 10M⊙) BHs. More massive BHs

can also acquire an envelope, but only in head-on,

low-velocity (v∞/v0 ≲ 1) collisions.

2. The BH is retained in a disc-like, rotating enve-

lope. The BH is massive enough to heavily de-

form the star, and the orbital angular momentum

drives the formation of a disc-like envelope (cf.

Figure 4f). This outcome occurs for low-velocity

(v∞/v0 ≲ 1), grazing collisions with high-mass

(M• ≳ 100M⊙) BHs. This outcome may rep-

resent the micro-TDE studied in previous works

(e.g., Kremer et al. 2022).

3. The BH escapes without forming an envelope. The

BH impacts the star at sufficiently high velocity

that gas drag is unable to halt it (cf. Figures 4c

and 4d). This outcome occurs for high-velocity

(v∞/v0 ≳ 2) collisions. An exception arises for

light BHs (e.g., 5M⊙), whose weaker drag force

(cf. Equation 1) allows escape even at moderate

velocity (v∞/v0 = 1).

For cases in which the BH is retained within the stel-

lar material, we examine the envelope mass and radius

in Figure 6. The envelope mass is defined as the gas

gravitationally bound to the BH+envelope system, i.e.,

satisfying Φ + γe + |v − v•|2/2 < 0, where Φ is the

gravitational potential and γe is the specific enthalpy;

the half-mass radius is evaluated accordingly. A quasi-

hydrostatic BH* is only achieved for M• ≲ 10M⊙, in

which case the envelope retains most of the original

stellar mass and the half-mass radius remains approx-

imately steady (modulo radial oscillations). For more

massive BHs (M• ≳ 30M⊙), the envelope loses mass

while expanding, reaching at most ≲ 50M⊙, and does

not attain a quasi-hydrostatic state within the simula-

tion time.
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In the bottom panels of Fig. 6, we show the time evo-

lution of the ratio |Ek,rot/Ep| (ratio between the rota-

tional kinetic energy and the potential energy), as an

indicator of whether the envelope is rotationally dom-

inated. Both quantities are derived from gas parti-

cles in the simulations, where Ek,rot =
∑

i miv
2
rot,i,

where vrot,i is the rotational (tangential) velocity in

the xy plane for each gas particle, which is defined as

vrot,i = jz,i/r2D = (xvy − yvx)i/
√
x2
i + y2i . The po-

tential energy is Ep =
∑

i miΦi. For most collisions,

|Ek,rot/Ep| ∼ 0 at the end of the simulations; however,

forM• = 100M⊙ and b > 0, |Ek,rot/Ep| ∼ 0.1–0.2. This

quantifies that a rotation-supported, disk-like envelope

forms for massive sBHs with M• = 100M⊙.

3.2.3. BH* radial structure

Of all collisional simulations, only 6 produce quasi-

hydrostatic BH*s; these are examined further here. Fig-

ure 7 shows their radial density profiles. Relative to

the initial main-sequence star (modeled as a 100M⊙,

n = 2.75 polytrope), the gas envelope of the BH* is sub-

stantially more extended following the collision, while

the central gas density in the vicinity of the BH remains

∼ 1 g cm−3, comparable to the pre-collision value.

We also quantify the redistribution of chemical ele-

ments by adopting a mock pre-collision hydrogen abun-

dance profile motivated by nuclear burning: XH =

0.2+0.5/[1+exp(−(r − rc)/2)], where rc = 8R⊙. Post-

processing the simulations by advecting the cells yields

the final radial XH distribution. Compared with the

initial profile, the central hydrogen abundance is ele-

vated to ∼ 0.3 from 0.2. However, whether this hydro-

gen replenishment will extend the nuclear-burning time

remains uncertain, since the BH* may be partially pow-

ered by the central accreting BH rather than entirely by

nuclear reactions (Begelman et al. 2008).

4. ASTROPHYSICAL IMPLICATIONS

In this section, we discuss the astrophysical implica-

tions of these BH*s that arise from star–sBH collisions.

4.1. Sequential evolution of the BH*

While our simulations generate hydrostatic structures,

the long-term evolution of these BH*s remains uncer-

tain. Below are some speculations.

When the embedded BH is much less massive than

its host star, its accretion luminosity can be only a

small fraction of the stellar nuclear luminosity, so the

global stellar structure is expected to remain largely un-

changed. For retained BHs whose mass becomes ≲ 10%

of the remaining stellar mass, the accretion luminosity,

Lacc ∼ ηṀ•c
2, may exceed that generated by nuclear

burning (Begelman et al. 2008; Ball et al. 2011; Cough-

lin & Begelman 2024). Since the stellar core is extremely

optically thick, the energy flux from the BH is capped

by convection, at Fconv ∼ pcs. The exact luminosity is

mass-dependent (Coughlin & Begelman 2024): a mas-

sive central BH may generate a luminosity that is super-

Eddington for the stellar mass, making the BH* ther-

mally unstable and explode like a transient; while a BH*

with a low-mass BH may remain thermally stable, until

BH growth breaks up the stability (Hassan et al. 2026).

This uncertainty should be ultimately addressed with

stellar evolution modeling.

A detailed calculation of the spectral energy distri-

bution of BH*s remains beyond the scope of this work.

However, similar objects have recently been proposed to

explain LRDs (e.g., Begelman & Dexter 2026; Inayoshi

et al. 2026), although the BH*s studied here are consid-

erably less massive.

4.2. Gravitational-wave events
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Dense star clusters and AGN disks are the two lead-

ing formation channels for stellar-mass BH mergers,

and both environments naturally contain main-sequence

stars. Previous studies have shown that star–sBH colli-

sions occur in both settings (Tagawa et al. 2020; Chen

& Lin 2024; Rantala et al. 2024), raising the possibility

that a BH binary may merge inside a stellar envelope.

A possible evolutionary pathway is that a stellar-mass

BH is first captured by a massive star, forming a BH*.

A second BH subsequently collides with the BH*, loses

orbital energy through gas drag, and forms a bound bi-

nary with the embedded BH. Gas drag and gravitational

torques may then accelerate the inspiral toward merger.

As an illustration, two 10M⊙ BHs in a circular orbit

with semi-major axis a = 0.1R⊙ would merge through

gravitational-wave emission alone in

τmerge =
5

256

c5a4

G3m1m2(m1 +m2)
≈ 7.5 yr, (9)

with eccentric binaries merging considerably faster (Pe-

ters 1964). Gas drag is expected to shorten this

timescale further (O’Neill et al. 2024).

A BHmerger in the stellar envelope could also produce

an electromagnetic counterpart: energy deposited into

the envelope by the GW recoil, or post-merger accretion

onto the remnant BH, may generate optical or X-ray

emission.

4.3. Dense star clusters

In dense stellar clusters, repeated star–BH collisions

may provide a new pathway for IMBH formation.

The standard picture invokes runaway stellar collisions

that assemble a supermassive star (SMS), which subse-

quently collapses into an IMBH (e.g., Portegies Zwart

& McMillan 2002; Kremer et al. 2020; Shi et al. 2021;

Rantala et al. 2024). Hierarchical BH mergers offer an

alternative route but are generally limited by the long

timescales required to harden BH binaries (e.g., Kritos

& Silk 2026).

Our simulations suggest a different evolutionary path-

way. Stellar-mass BHs can be captured and retained by

an SMS, forming a BH*. Repeated star–BH collisions

then deliver additional BHs to the stellar center, where

sequential BH mergers gradually build up the central BH

while the stellar envelope remains intact. Whether the

merger product is retained depends on the competition

between GW recoil kicks and the escape velocity of the

SMS. ForMSMS ∼ 103–104 M⊙ and RSMS ∼ 103 R⊙, the

escape velocity is vesc ∼ few × 102 km s−1, comparable

to typical GW recoil velocities (e.g., Holley-Bockelmann

et al. 2008). Recoils are suppressed for unequal-mass

mergers or favorable spin configurations, while gas drag

within the stellar envelope may further enhance BH re-

tention. This scenario naturally bridges the formation

of an SMS and the subsequent growth of an IMBH.

This mechanism may also be relevant to the lumi-

nous red dots (LRDs) discovered by JWST at z ≳ 4

(e.g., Matthee et al. 2024), for which BH* models have

recently been proposed (de Graaff et al. 2025a; Begel-

man & Dexter 2026; Sun et al. 2026; Inayoshi et al.

2026). Once the first BH* forms through a star–BH

collision, subsequent runaway stellar collisions can re-

plenish the envelope, while additional stellar-mass BHs

are efficiently captured and merge with the central BH

(also see Rantala 2026). Quantifying the importance of

this channel requires realistic models of collision rates

and BH growth, which we leave for future work.

4.4. AGN disks

AGN disks provide another promising environment for

BH* formation because frequent star–BH encounters are

expected in their dense gaseous disks (e.g., Chen & Lin

2024), while the high ambient gas density fundamentally

modifies stellar evolution (e.g., Cantiello et al. 2021; Ali-

Dib & Lin 2023; Xu et al. 2026). Star–sBH collisions

may produce BH*s in these environments, and they may

also reach an accretion–wind equilibrium in the disk,

potentially leading to a distinct class of stellar evolution.

Moreover, high-velocity encounters can strongly per-

turb the star. Shock heating mixes the stellar inte-

rior and ejects part of the envelope into the surround-

ing AGN disk, contributing to the chemical enrichment.

Such enrichment may help explain the anomalous abun-

dance patterns inferred from AGN broad-line regions

(e.g., Isobe et al. 2025) if the star–sBH collision rates

are sufficiently high (e.g., 10−6 yr−1 per star).

5. CONCLUSIONS

In this work, we have studied collisions between

stellar-mass black holes (sBHs) and a 100M⊙ main-

sequence star using both semi-analytic and hydrody-

namical simulations. While the outcomes of star–sBH

collisions depend on M•/M⋆ and other velocity param-

eters, we focused on the case of M•/M⋆ ≲ 1 and direct

geometric collision. Our main findings are as follows.

1. BHs with M• ≲ 0.2M⋆ can be retained after low-

velocity collisions with stars to form a BH*, as

predicted from both our semi-analytic and hydro-

dynamical simulations. These collision produces a

quasi-hydrostatic BH* with a dense (∼ 1 g cm−3),

spherical, and extended envelope that retains most

of the original stellar mass. Our one-dimensional

heating calculations indicate that no thermal run-

away will be triggered during this process.
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2. BHs with M• ≳ 0.2M⋆ may not form a BH*

with substantial retained envelopes through sBH–

star collisions. Above this critical mass, the shock

heating released by gas drag is capable to disrupt

the star. The envelope is quasi-spherical in head-

on collisions and disc-like in grazing ones; however,

in both cases the envelope is dynamically unsta-

ble, resulting substantial mass loss and a transient

event like a micro-TDE (e.g., Perets et al. 2016;

Kremer et al. 2022).

3. BH retention depends on impact velocity. Gas

drag efficiently retains the BH within the stel-

lar envelope for impact velocities v∞ ≲ 2v0 =

2
√
G(M⋆ +M•)/R⋆. Above this threshold, the

BH penetrates and escapes the star. Light BHs

(M• ≲ 5M⊙) experience weaker drag and may

escape even at v∞ ∼ v0. Otherwise, the BH reten-

tion happens quickly, usually within several hun-

dreds of hours (several tens of τdyn,⋆).

4. The collision drives large-scale chemical mixing.

The shock wake of the BH advects hydrogen-rich

material from the envelope into the core, elevat-

ing the central hydrogen abundance from its pre-

collision value (e.g., XH rises from 0.2 to ∼ 0.3

in our mock test). This replenishment of core hy-

drogen may impact on the long-term evolution of

the BH*. Compared with the progenitor star, the

BH* envelope is substantially inflated after forma-

tion, while the central density near the BH remains

comparable to that of the original star.

These results have several astrophysical implications.

First, sBH binaries formed inside a BH* can merge via

GW emission on timescales of ∼ years, producing a

signal that is distinct from a vacuum BH–BH merger

due to the friction from the surrounding gas or an elec-

tromagnetic counterpart. Second, in dense star clus-

ters, repeated star–sBH collisions can migrate multi-

ple sBHs to the center of a supermassive star, driv-

ing sequential mergers that rapidly build an increas-

ingly massive central BH. Whether the merger product

is retained depends on the competition between GW

recoil kicks and the confining gas drag of the stellar

envelope. This channel offers a formation pathway for

IMBHs and may be relevant to the massive BHs inferred

in the LRDs observed at z ≳ 4 by JWST. Third, in

AGN disks, star–sBH collisions alter stellar evolution

by replenishing core hydrogen and, in violent encoun-

ters, ejecting nucleosynthesis-enriched material into the

disk, contributing to chemical enrichment distinct from

supernovae or stellar winds.

BH*s in this work are not essentially stable in the long

term, since our simulations track only the BH* forma-

tion that completes on the stellar dynamical timescale.

The subsequent thermal relaxation and long-term evo-

lution, including BH accretion, radiative feedback, and

the eventual fate of the BH*, require dedicated stellar

evolution modeling (at least for the typical parameter

space explored here; Hassan et al. 2026). In a compan-

ion paper, we study the formation of sBH binaries inside

BH*s in detail. Future work should also address aspects

like the observational signatures of such BH*s.
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